Summary. This paper examines the effects of dynamical and resistive instabilities on magnetic redistribution of angular momentum within a star. It is tentatively concluded that if significant differential rotation survives in a stably stratified radiative zone over a stellar evolution time, then the poloidal field, cannot exceed an upper limit of order 3x 10" 2 G and is probably less than 10" 3 G. In the radiative core of the Sun B p is estimated to be at least of order 5xlO _2 G and probably 100 G or more. Values greater than 0.1 G cannot easily be reconciled with the rotational shear inferred from frequency splitting of solar oscillations.
Introduction
It is widely accepted that all stars have magnetic fields. These fields may be maintained by dynamo action in turbulent convective layers or may be fossil relics in stably stratified radiative zones. Since the time-scale for ohmic decay of a large-scale field is of order 10 10 yr for a main-sequence star of solar mass the radiative interior may typically be regarded as perfectly conducting in the first approximation. The magnetic field is frozen into the plasma and the dynamical consequences of this field cannot be ignored. One of the earliest kinematic results in magnetohydrodynamics was Ferraro's law of isorotation: a necessary condition for the existence of a steady field in a rotating star, symmetric about the axis of rotation, is that the angular velocity should be constant along a line of force. Any shear in the component of velocity transverse to the magnetic field B 0 generates a transverse field which grows until the Lorentz force reacts back on the shear, generating transverse waves which travel along the field with the Alfvén speed í'a=5o(4^) _1/2 .
(1.1)
Further, for a state of isorotation to persist magnetic torques must vanish. This requires that the meridional electric currents (which maintain the azimuthal component of the field) must flow parallel to the meridional field component (Lüst & Schlüter 1954; Chandrasekhar 1956 ).
Modifications to these laws due to motions v p in meridian planes are small provided v A >v v (Mestel 1961 (Mestel , 1968 . L. MestelandN. O.Weiss
Most discussions of differential rotation in stars fall into one or other of two classes. Either it is supposed that the magnetic field is insignificant, so that angular momentum is transferred by purely hydrodynamic processes, or else it is (implicitly or explicitly) assumed that the Alfvén travel time, t a =D/v a , (1.2) over a distance D measuring the scale of the postulated shear is sufficiently short for the magnetic field to enforce effectively uniform rotation. We need to look at these assumptions in more detail and to ask whether results based on the behaviour of perfectly conducting fluids are actually valid. Even if the ohmic resistivity is small the growth of dynamical or diffusive instabilities may allow plasma to slip past the field lines, so creating an effective macroresistivity. Recent helioseismological results have made these issues particularly topical. By measuring the rotational splitting of frequencies of acoustic modes in the Sun (the 5-min oscillations) it is possible to estimate how the angular velocity, Q, varies with radius, r, and latitude within the Sun (Claverie et al 1981; Duvall & Harvey 1984; Duvall et a/. 1984; Brown 1985; Libbrecht 1986; Duvall, Harvey & Pomerantz 1986 ). These observations imply that Q at the equator decreases slightly with depth in the convective zone and in the outer part of the radiative zone but rises sharply at r~0.2R o to at least twice its surface value, Q 0 -To appreciate the significance of this result we must consider the rotational history of the Sun. This can be inferred by studying the rotation of G stars in clusters like a Per (Stauffer et al 1985) , the Pleiades (Stauffer et al 1984) and the Hyades (Gray 1982; Lockwood eia/. 1984) . Apparently a star like the Sun arrives on the main sequence with a surface angular velocity around 60 Q 0 and spins down rapidly over the next 3 x 10 7 yr; thereafter Q decays gradually, at a rate consistent with a power law of the form Qocr 1/2 , where t is the age of the star (Skumanich 1972). Angular momentum is lost by magnetic braking. The magnetic field is drawn out by a stellar wind and exerts a torque which makes the star spin down (Weber & Davis 1967; Mestel 1967 Mestel ,1968 . This torque acts directly on the solar convective zone which is apparently well coupled, perhaps by a magnetic field (Rosner & Weiss 1985) , to the outer part of the radiative zone. But the inferred angular velocity, 2Q 0 , of the inner radiative core equals the rotation rate that the Sun had 3xl0 9 yr ago. Is the existence of such a rapidly rotating core compatible with the presence of a significant magnetic field in the radiative zone?
In the next section we consider the interaction between differential rotation and a magnetic field in a perfectly conducting fluid. If no other effect intervenes the field eliminates the shear in the Alfvénic time, r A , given by (1.2). As is well known, if r A >3x 10 9 yr in the interior of the Sun then the meridional (or poloidal) field B p <3 x 10 -6 G. This is the value of the interstellar field and seems absurdly low. In Section 3 we consider the effects of dynamical and resistive instabilities and find that a poloidal field with B p~1 0~2 G might be tolerated. Finally, in Section 4 we try to calculate the strength of the poloidal field that might survive in the core of the Sun. Although it is possible that B p might be as low as 5 x IO -2 G, we estimate that the field strength is probably in the range 0.5 G^R p^5 x 10 3 G. Such fields cannot readily be reconciled with a rapidly rotating inner core.
2 The perfect conductivity approximation
The mutual interaction of a magnetic field and a rotation field in a perfectly conducting fluid provides one of the simplest applications of classical magnetohydrodynamics. Consider a rotating star with a magnetic field, B, that is symmetric about the axis of rotation and choose cylindrical polar coordinates (nr, (j),z) with the z-axis along the rotation axis. If we suppose that at time i=0 the star has a purely poloidal large-scale field then a given non-uniform rotation generates a toroidal field that increases linearly with time.
The toroidal field B t is maintained by poloidal currents
which have a component flowing perpendicular to B p , so exerting a torque which changes the Q-field according to
where ç is the density. As expected, only spatial derivatives along B p enter into equations (2.2) and (2.5).
Both the centrifugal force and the contribution (VxB t )xB t /4^r to the poloidal magnetic force density will vary with time but the consequent changes in p and B p will be modest within a radiative core, even in a rapidly rotating star. Yet even with p and B p taken as constant the resulting linear wave equations for Q and B#, , are complicated and detailed solution is difficult (c/. an analogous problem discussed by Gillis, Mestel & Paris 1974 , 1979 Note that the problem described by equations (2.3) and (2.5) is strictly non-dissipative: r p is the time in which the shear is reversed rather than destroyed, and if no dissipation occurs, the Q-field will oscillate indefinitely with typical periods of order r p . Consider now the poloidal field in the radiative interior of a star with a deep convective envelope, such as the Sun. Referring to Fig. 1 , we can distinguish between those field lines like P that close within the radiative core and those like Q that intersect a region coupled to the convective envelope. Because of the turbulent motions the poloidal field will be confined to a layer at the base of the convective zone (Weiss 1966) . However, lines of force will enter the region 0.5^r/Ro^0.7 which is hydrodynamically coupled to the turbulent outer region so that Q varies with latitude (Rosner & Weiss 1985) . Hence we can plausibly expect angular momentum propagated along field lines like Q to be distributed through the envelope. Waves along these lines will be rapidly damped, so establishing near corotation with the base of the convective zone. Damping of waves along lines like P can occur through non-adiabaticity in the compressions and rarefactions caused by associated changes in the centrifugal and poloidal magnetic forces; this, however, will not remove angular momentum from flux tubes P but will redistribute it along each loop. It must be emphasized that in a strictly axisymmetric system hydromagnetic coupling does not rule out a steady non-uniform rotation field provided it satisfies Ferraro's law of isorotation B p -VQ=0 (c/. equation 2.3), so that a domain such as P could retain an initial rotation higher than that at the base of the convective zone. The remaining problems would then be analogous to those of a non-magnetic radiative zone with a non-uniform rotation field: how the weak magnetic field affects the Goldreich-Schubert-Fricke instabilities (cf. Fricke 1969) or the shear instabilities which tend to limit differential rotation on an equipotential surface (Zahn 1983) . These are problems beyond the scope of this paper, which is concerned with purely hydromagnetic effects. However, one can question whether the limited freedom allowed by isorotation will persist when the magnetic field is even slightly non-axisymmetric.
Let us therefore consider the magnetic field in a non-axisymmetric rotating star. Such a system can be called 'steady' if there exists a frame rotating with uniform angular velocity a in which all quantities are time-independent. It is sometimes more convenient to use the equivalent definition of a 'quasi-steady' system, meaning one in which quantities such as scalars or cylindrical and spherical scalar components of vectors, when measured in the inertial frame, depend on azimuthal angle (p and time t in the combination (ÿ-at), so that the operators d/dt, d/d0 are related by d/dt=-ad/d(j). Let the star have a rotation field Q(r). Then the induction equation (2.2) yields
where the condition V • B=0 has been used. In the axisymmetric case equations (2.10) are satisfied identically and equation (2.11) is just the isorotation condition.
and is independent of 0. The constraint (2.13) is very severe: it is certainly not satisfied by a simple oblique rotator, such as a dipolar field symmetric about an axis inclined to the rotation axis. Further, the non-axisymmetric Q field implied by (2.12) must satisfy the quasi-steady continuity conditions: dç dp d
d(p dt d(p whence it follows that (Q-a)p is independent of 0. The departures of the density field from symmetry about the rotation axis are of the order of the ratio of the magnetic to the gravitational or thermal force density, which is typically 0(F 2 /ji 2 GM 2 ), where F is the flux of the magnetic field and Mis the stellar mass (e.g. Mesteleta/. 1981). Thus equations (2.12) and (2. Í3) allow only very small deviations of B m and B z (and so also of B^) from axisymmetry; but if Q=ör no constraint is imposed on the field, which is just swung round as a whole. The point is that in a strictly axisymmetric system, relative shearing of field lines makes no difference to the density and magnetic fields; the only consequence of isorotation rather than uniform rotation is a change in the (curl-free) electric field E=-Qtcr0xB p and hence in the polarization charge density £> e =V • Fj/Atz, which in any case is smaller than the ion or electron charge density by a very small factor of the order of {(£ 2 /4^c 2 )[Q/(eAE/ra H c)]}. In a non-axisymmetric system, however, relative shearing of field lines will normally alter both p and B, and only very special field structures can allow kinematically quasi-steady states. (The conclusions are little altered if one allows for the effects on p and B of the small periodic motions that would be induced in meridian planes by the changing poloidal forces.) We have seen that in an axisymmetric system departures from isorotation generate magnetic tensions with moments about the rotation axis, which drive the torsional Alfvén waves that redistribute angular momentum along a given flux tube. In a non-axisymmetric system, significant departures from uniform rotation will generate in addition toroidal magnetic pressure gradients which will interchange angular momentum between different flux tubes. Order of magnitude arguments yield again the estimate (2.9) for the characteristic time.
In the core of a rapid rotator the slow thermally driven Eddington-Sweet circulation may flow, tending to alter radically an initial state of uniform rotation in a time somewhat longer than the Kelvin-Helmholtz time; but if B p is strong enough for the Alfvén speed to be much greater than the circulation speed then a very small component of j p perpendicular to B p is sufficient to offset the advection of angular momentum by the circulation and maintain near-uniform rotation (Mestel 1961; Roxburgh 1963; Moss 1986, private communication) . A field as weak as 10 -2 G is adequate.
3 Deviations from perfect conductivity
The conclusion of Section 2 is that as long as the stellar interior is (effectively) perfectly conducting even a very weak poloidal field can interfere with an initially non-uniform rotation, well within a stellar evolution time. In the case of the Sun, magnetic stresses should couple the rotation field in the inner and outer parts of the radiative core; the latter is probably coupled dynamically to the convective envelope and we would expect any permanent non-uniform rotation in the core to be at most of the order of the variations with latitude and longitude over the base of the convective zone (Rosner & Weiss 1985) . The helioseismic data suggest, however, that there is a significant increase in angular velocity towards the solar centre, leading to radial gradients in Q that are two orders of magnitude greater than those observed at the surface of the Sun. Hence we are led to ask whether there are any likely limitations to the simple picture of the previous section. First of all, we consider ohmic decay. The toroidal field B<p generated by the shear will predominate over B p and helioseismic results suggest that \B (P \ should be a maximum at r«0.2 Rq. The decay time for such a field is around 3 x 10 9 yr, so ohmic diffusion on its own does not significantly affect the arguments in the previous section. We expect, however, that any fossil poloidal field in the radiative zone will be predominantly dipolar, with AE p <xeos #, where 6 is the colatitude, since higher multipoles decay more rapidly. The magnetic axis need not coincide with the rotation axis but, for simplicity, we restrict most of the remaining discussion to axisymmetric systems (recalling always the much more stringent conditions on the rotation to be expected in a quasi-steady state for non-axisymmetric systems). Then if Q=Q(r) it follows from equation (2.3) that a sin 20, and the direction of the toroidal field reverses at the equator. In order to achieve a significant limitation in B p (and hence in the torque) we have to rely on dynamical effects, corresponding to the non-linear development of hydromagnetic instabilities. We note first that a wide class of magnetic fields that are either purely poloidal or purely toroidal have been shown to be dynamically unstable (Tayler ,1980 Wright 1973; Markey & Tayler 1973 Pitts & Tayler 1985 , and references therein). In addition, there are resistive instabilities when diffusion is admitted (Furth, Killeen & Rosenbluth 1963; Priest 1985) . In all discussions of magnetic fields in subadiabatic, radiative zones in stars (e.g . Mestel 1984a; Pitts & Tayler 1985; Moss 1986) it is stressed that the fields must have a complex topology, with mutually linking poloidal and toroidal parts, B p and B t , of the same order of strength, in order to satisfy necessary conditions for stability. In an axisymmetric steady state with slow meridian motions, in addition to the isorotation condition there must be zero magnetic torque, with j p not zero but parallel to B p so that, from equation (2.5), mB^ must be constant on poloidal loops (Lüst & Schlüter 1954; Chandrasekhar 1956 ). Departures from isorotation will then generate extra toroidal components which exert torques, leading to the torsional waves discussed above. After time t a shear of scale D will have generated an extra contribution such that (3.1) from equation (2.3). After the Alfvénic time r p given by (2.9), which is based on thepoloidal field
since we expect the rotational kinetic energy density to be much greater than the magnetic energy density associated with the poloidal field. Such a predominantly toroidal field should, however, be unstable and it seems likely that the linear growth of | B<p \ according to equation (3.1) would be halted at values much less than that in equation (3.2). In a purely toroidal field instabilities develop near the magnetic axis, where they are locally similar to the kink and sausage instabilities in magnetic pinches . For these instabilities a typical growth rate in the linear domain is given by is the local Alfvén speed based on the toroidal field. We expect, therefore, that and r0<lrp. There is no theory extant of the non-linear development of magnetic instabilities in stars but it can be argued that dynamically driven instabilities lead to accelerated ohmic destruction of toroidal magnetic flux. The dynamical time-scale then provides an approximate upper bound to the rate of destruction of flux. We are interested in estimating an upper limit to the time for which a given shear can persist in spite of the action of magnetic torques: so we are plausibly minimizing the reaction of the magnetic field if we assume that the increase in \ B ( p \ according to equation (3.1) is halted when t=r < p, implying that the time-scale for flux destruction has become equal to the time in which the shear would double |2?0|. This is equivalent to postulating a macroresistivity such that the effective magnetic Reynolds number is of order unity. Now, from equations (3.1) and (3.3), we find that With these extreme assumptions we have, in effect, set an upper limit to the strength of a poloidal field that is compatible with a magnetic braking time r b^3 xl0 9 yr. We find that AE p <2x10 -2 G, yielding |AE0/AE p |>1.4xlO 4 and r0>7Oyr. Next we attempt to look at the instability mechanisms in more detail in order to ascertain whether this upper limit is likely to be realistic. Consider first the dynamically driven instabilities. They are essentially topological and develop near the lines of O-type neutral points, i.e. near the symmetry axis of a predominantly toroidal field. Both rotation and gravitational stratification tend to suppress these instabilities. From equation (3.13), a braking time r b^3 x!0 9 yr requires a field AEp<4xl(r 4 G. This is probably a more reliable upper bound to the poloidal field. Next we consider reconnection of the toroidal field at the equator. At low latitudes the components B t in the northern and southern hemispheres are oppositely directed and the magnetic pressure gradient provides a pinching force acting towards the equator. If there were a dynamical instability driving toroidal flux towards the equator the rate of reconnection could not exceed the Petschek limit, with a corresponding time-scale given by (Priest 1985; Priest & Forbes 1986 ). In practice, any enhancement of the rate of reconnection is more likely to be caused by resistive instabilities. Although a plane-parallel pinched domain is not unstable in the limit of perfect conductivity, finite conductivity allows the development of resistive instabilities, of which the most important is the tearing mode (Furth et al. 1963; Priest 1985) . Ohmic diffusion changes the field topology in an equatorial boundary layer of thickness sL, where L is the scale of variation of the field; the fastest growing modes have a wavelength parallel to the equator of order 2^rL(r d /r A ) This is no greater than the rate given by ohmic diffusion of the field, without any imposed perturbation parallel to the equator and, as we have seen, such a slow rate is of no significance for the problem considered in this paper. Non-linear resistive instabilities are not yet completely understood. We would expect motion to be confined to spherical surfaces, owing to the stable thermal stratification, so that two-dimensional calculations with periodic lateral boundary conditions should provide some guidance. These numerical experiments suggest that magnetic islands would form at the equator and gradually expand. The rate of flux destruction is, however, likely to saturate at comparatively low amplitudes, with reconnection important only in the neighbourhood of X-type neutral points (Priest 1985) .
Other instabilities, relying on double-diffusive effects or on magnetic buoyancy (c/. Hughes 1985a, b), might help to limit the toroidal field despite the stabilizing effects of rotation. Nevertheless, we may expect equation (3.7) to set an upper limit on the braking time, with a corresponding upper bound of order 10 _2 G to the poloidal field and a probable limit of order 10" 3 G or less. In the next section we consider whether such weak fields are plausible or not.
As pointed out by Radler (1986) , there is a significant difference between the strictly axisymmetric case and that with the magnetic axis inclined to the rotation axis. A given non-uniform rotation acting on an aligned field B p does not affect the ohmic decay of B p : the mutual merging at the equator discussed above is of the extra toroidal components generated by the shear. But suppose that B p is a superposition of aligned and perpendicular parts; then Rädler shows that a persistent shearing accelerates the decay of the perpendicular part, so that a field with an arbitrary initial inclination tends to become more nearly aligned with time, and a field with its axis strictly perpendicular to the rotation axis would ultimately be destroyed. However, this result does not substantially affect our argument, for again the field strength would have to be severely limited if the magnetic torques are not to be capable of destroying the shear in a time shorter than the flux destruction time.
Magnetic Helds in the radiative interior of the Sun
In a star like the Sun, with a deep convective envelope, the magnetic field in the radiative core cannot be observed directly. The virial theorem sets an upper limit to the field strength of about 10 8 G and the field should surely be stronger in a star than in the interstellar gas from which it originally condensed. Thus a poloidal field of 3xlO _6 G, as estimated in Section 2, is most implausible. Intuitive guesses, based on field strengths in the solar system or magnetic fluxes in white dwarfs and neutron stars, would give fields in the G to kG range. Over the years different authors have advocated fossil fields of around 10 2 G as part of an alternative to dynamo theory for the solar cycle, or much stronger fields (up to 10 8 G) in attempts to cope with the neutrino problem. We are not concerned here to argue for or against such ideas but rather to bring out the contrast with the constraints that we have found in Section 3. If the inferred non^uniform rotation of the solar core is genuine, the estimated upper limits on the field strength are far more stringent than any others known to us. For example, Parker (1985) and Moss (1987) have pointed out that the Eddington-Sweet circulation driven by a local magnetic disturbance to the thermal field just below the convective envelope must not be able to transport 7 Li down to layers where it is rapidly destroyed; the consequent upper limit on the field L. MestelandN. O.Weiss strength is estimated to be around 10 5 G. In this section we try to establish a lower bound on the field strength, consistent with the available observational and theoretical constraints, and to determine whether the upper and lower bounds are compatible. The surface fields in late-type stars are apparently generated by dynamo action in or at the base of the convective zone. In the absence of any meridional flow (which would affect the Li and Be abundances) a cyclic field with a period of 11 yr only penetrates a skin depth of about 10 km. So any poloidal field in the radiative core must be a relic of some earlier evolutionary stage. Conversely, a steady poloidal field at the base of the convective zone would impart a bias to the solar cycle. The observations set an upper limit of about 1G to any poloidal field that penetrates from the radiative zone to the level where the dynamo is located (Levy & Boyer 1982; Boyer & Levy 1984) . Indeed, Sonett (1984) has suggested that asymmetries between successive activity cycles are consistent with a field J5 p~0 .5 G. Another line of evidence comes from the angular velocity distribution derived from rotational splitting of solar p-mode oscillations (Duvall & Harvey 1984; Duvall et al. 1984 Duvall et al. ,1986 Brown 1985; Libbrecht 1986) . The inferred variation of Q with latitude below the base of the convective zone suggests that the radiative core is dynamically coupled to the convective envelope (Rosner & Weiss 1985) . On the other hand, Q remains almost constant for 0.2<r/jR o <0.5, apart from the effects of the abnormal splitting of modes with degree /=11, which is present in the observations of Duvall & Harvey (1984) and of Brown (1985) but not in those of Libbrecht (1986) . Rosner & Weiss (1985) argued that an isolated maximum in Q(r) was implausible and that a significant poloidal field was needed to ensure nearly uniform rotation on a time-scale short compared with that for magnetic braking by the solar wind. Since this requires a magnetic torque strong enough to enforce near isorotation in the outer core in 10 9 yr, the lower limit to | Bp | in the outer part of the radiative zone is about twice the upper limit to | B p | in the inner core, if differential rotation persists there for 3xl0 9 yr. It seems implausible, however, that a continuous magnetic field should be significantly stronger in the outer than in the inner part of the radiative zone. Unless the near-uniform rotation of the outer part is maintained by hydrodynamic processes it follows that a rapidly rotating inner core would have to be magnetically decoupled from the outer radiative zone.
To estimate the strength of a fossil field in the radiative interior we must consider the magnetic history of the Sun. A substantial primordial flux may be retained by a contracting protostar up to the Hayashi phase; indeed it has been suggested that the T Tauri phenomenon is driven by the dissipation of excess primordial magnetic energy during the latter part of the Hayashi phase (Lynden-Bell 1977; Mestel 1984b; Tayler 1986, in preparation) . Surface fields of about 500 G have been observed in one T Tauri star (Johnstone & Pension 1986) . We shall assume that this is a typical value for the poloidal field strength in such a star. If magnetic flux of this order were retained as the star evolved towards the main sequence, developing a central condensation, there would be a tenfold increase in field strength, yielding B~5 kG in the radiative core. Such a field would enforce near-uniform rotation. Clearly, if non-uniform rotation of the radiative zone is to persist over 3 x 10 9 yr then the bulk of any primordial flux must be destroyed during the Hayashi or early main-sequence phases. The observed fields in T Tauri stars may in fact be generated by efficient dynamo action, owing to turbulent convection in the Hayashi phase (Gilliland 1986). As a star evolves from the Hayashi track towards the main sequence the convective zone retreats outwards and a radiative core develops. The residual field in the core therefore depends on the nature of the dynamo process operating in the convective zone during the approach to the main sequence. It is known that magnetic activity in late-type stars depends both on their angular velocities and on their structure (Bahúnas & Vaughan 1985; Moss 1986; Weiss 1986) . In slowly rotating G stars, like the Sun, dynamo action leads to magnetic cycles with fields that reverse after each half-period. On the other hand, the observed behaviour of late M stars suggests that dynamo action in a fully convective star is very different from the more familiar pattern in the Sun, and that long-lived open field configurations are more likely. Schüssler (1975) and Parker (1981) have studied the residual field, AE, left by a steady dynamo as the convective zone retreats and they find that there is no significant reduction, so that B~\B p \. Indeed, this argument was used to explain the origin of the strong field (up to 3.4 x 10 4 G) observed in Ap stars. The existence of these magnetic stars may be adduced as evidence that kilogauss fields could survive in the radiative cores of lower main-sequence stars. We conclude that if the field in the radiative core of a lower main-sequence star is to be anywhere near as small as demanded by the arguments of Section 3, then the dynamo must be of a cyclic rather than a steady type. If, as expected, the period r of the magnetic cycles is small compared with the time-scale Tfor the withdrawal of the convective zone, then any residual field will be very small (Parker 1981) . Indeed, there would be no net flux at all if the dynamo were strictly anti-symmetric with respect to a half-cycle. We expect, however, that the dynamo oscillates irregularly, as observed in the Sun, with a net difference SB between the poloidal field strength | B p | produced in successive half-cycles. Thus there is a net input of flux ±0 O per cycle into the radiative core. The maximum asymptotic field is then given by assuming that after each full cycle the flux 0 O diffuses through the core but that the global field does not undergo significant decay. During the interval T in which the star crosses the Hayashi track to the main sequence there are T/r cycles ; magnetic flux in the core is built up by a random walk process, so that the maximum net field produced in the radiative core (of final radius AE) is
We now need to estimate ^0-F°r simplicity, we consider the problem in Cartesian geometry, with a magnetic field B=B(x, t)y diffusing into the half-space x>0, subject to the boundary condition AE(0,7) = AE 0 (0-Let b be the mean value of 119o I during a half-cycle lasting for time r/2. During this interval magnetic flux diffuses in over a skin depth d~(2r}T) l/2 , giving a contribution b(27]T/jr) 1/2 , where r] is the magnetic diffusivity. Over a whole cycle the asymmetry yields a net With SB/b taken as 1/10 and 6=500 G, we find that AE-0.5 G. This is an order of magnitude greater than the maximum allowed by the arguments of Section 3. This naive estimate maybe too large, for the net flux Scj) produced in a particular cycle will not be conserved. The same diffusion process causes flux to spread out into the half-space x>0 and to leak across the boundary at x=0. More precisely, the relevant Green's function is given by the fundamental solution in the radiative core. With the same numerical values as before and r=10yr we find that x 10 -2 G. (This value should be further reduced if the relevant poloidal field strength is less than 500 G.) The above discussion is clearly still preliminary. In particular we should obtain a solution of the diffusion problem that includes the retreating boundary explicitly. We may plausibly suppose that the remanent magnetic field acquires by diffusion a scale of order AE, corresponding to the longest surviving Cowling decay modes, which allows it to persist for 3xl0 9 yr on the main sequence.
Then by combining the most pessimistic assumptions about the residual field in the radiative core with the most optimistic assumptions regarding dynamical instabilities of the toroidal field, it might be tentatively argued that magnetic torques are unable to force the radiative core to rotate uniformly. If the radiative zone has a continuous magnetic field and a rapidly rotating inner core then this must be the explanation. On balance, however, we conclude that it is more likely that the poloidal field in the Sun's interior has a strength of order 300 G or more. In that case, magnetic torques are able to enforce effectively uniform rotation. If the inner radiative core nevertheless rotates significantly faster than the rest of the Sun we can only suppose that it is magnetically decoupled from the outer part of the radiative zone, as suggested by Rosner & Weiss (1985) and Roxburgh (1986) , or that Q is time-dependent, as proposed by Gough (1985 . There is a simpler alternative. The evidence for a rapidly rotating core rests almost entirely on the measured splitting of modes with degree 1=1 (Claverie et ai 1981; Duvall & Harvey 1984) . Future observations may yet show that the angular velocity in the Sun is essentially uniform throughout most of its radiative interior.
